6 MassLoss

As was pointed out earlier, mass loss dominates the steitdutéon on the AGB
Nuclear fusion ~ 10=8 Mg yr—!
Massloss > 10~7 Mg yr—!

Historically it took a long time to appreciate the full magme of mass loss on the
AGB since the circumstellar material (CSM) only emits agjably at IR- and short

radio-wavelengths, which only became observable in th&®49After the data from

space infrared observatories such as IRAS (1984) becanilaldga mass loss from

AGB stars could be studied systematically.

6.1 Initial-Final Mass Relation

From the point of view of stellar evolution, it is the totattégrated mass Iog&Mdt
hat is most important. This can be observationally consédiusing thénitial-Final
Mass Relation, derived from White Dwarf masses in open clusters of knowaatd
distance, see Fig. 20. Due to the paucity of data, this IFMfbtsvell extremely well
established and for example its metallicity dependencesputed. However, it seems
clear that stars with mass 14, end up as WDs with masses0.5—1 M.

6.2 Masslossrecipes

To include mass loss in evolutionary calculations requie¢eting it to the basic stellar
parameters. However, as we will see, we lack a detailed statating of the phys-
ical processes behind the mass loss from AGB stars, so mssscémnot be self-
consistently included in evolutionary calculations. Hee® a humber of physical-
empirical relations have been suggested, and used in awtleailations. The first of
these relations was proposed by Reimers (1975)

(L/Lo)(R/Ro)

1

]V[Reimers =4 x 10_1377
wheren is a ‘fudge factor’. This relation was really only valid foG®B stars, but since
it was simple to use, it also became popular for use on the AGB\ith a higher
value forn).

From trying to reproduce the empirical IFMR, Blocker (19@oposed a modified
form for use during the AGB:

) M —2.1 L 2.7 .
MBI =4.83 x 10_9 <M®) (E) MRcimch (40)

Vassiliadis & Wood (1993) proposed another relation, whics derived from fits

to observed mass loss rates (see Fig. 21), imposing a maximass loss due to a
radiation pressure limit (single scattering, see Eq. 55).

MVW = min(Mradprc87 Msupcrwind) (41)
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Figure 20: The initial-final mass relation. Filled circle® &inned points from open
clusters with four or more WDs; crosses are from clustersrarly systems with three
or fewer WDs. The solid line is a least-squares linear fit sthpoints. The dashed
line is the linear fit from Ferrario et al. (2005); the dottétklis the inversion of the
field WD mass distribution presented in that work. Open sgsiawhich werenot
included in the fits, are from Dobbie et al. (2006) for GD 50 &t 0136+251. The
agreement between these points and the extrapolation ¢ifite fit is encouraging.
From Williams (2006).
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Figure 21: Mass loss rafel (M, yr—1) plotted against period for Galactic Mira vari-
ables of spectral type M and S (filled circles) and C (openesicand for pulsating
OH/IR stars in the Galaxy (triangles) and the LMC (squaréhg solid line is the an-
alytic fit used for low-mass stard{ < 2.5 M) with the mass loss rates less than the
radiation-pressure driven limit. The dashed line is the\edent relation for a 5\/,
star, while the dotted line corresponds to mass loss at ttiati@n-pressure-driven
limit for a typical intermediate mass (&) LPV in the LMC with M, = —6.5 and
Vexp = 12km s,

with
. L/c .
Mraapres = ——,  With vexp = —13.5 + 0.05611(days) (42)
exp
10810 Mauperwind = —11.4 + 0.012311(days) (43)

All these are popular recipes, but they lack any profound basthe fundamental
physics of the mass loss process.

6.3 Massloss measurements

The estimated mass loss rates range filom® to 10~* M, yr—! (see Fig. 22). The
highest values are often referred to as shger wind. Typical velocities for the mass
loss are in the range 5—30 ks (see Fig. 23), so these are relatively slow winds.
However, since the temperatures in the winds are also lasy, éine still supersonic
(cs(100 K) ~ 1 km s71).
As we already saw in Fig. 21, there is a relation between noassrate and pulsational
period. However, this relation is not a simple one, probalelyause other factors (e.g.,
metallicity) come in. This is shown more clearly in Fig. 24ialh contains a larger
sample of AGB stars (separated into M- and C-stars).
Measuring mass loss rates accurately is notoriously diffi€or a steady, spherically
symmetric mass loss we have

M = 4nr?pu, (44)
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Figure 22: Mass loss rate distributions for two samples ddtits, and two samples of
C-stars. For the optical C-stars, the subsample with stiingnvabout 500 pc is darker.
From Olofsson (2004).
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Figure 23: Gas expansion velocity distributions for seldctamples of M- and C-stars.
From Olofsson (2004).
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Figure 24: Mass loss rate versus period for three samplessifiké [SRVs (diamonds),
Miras (circles), and Galactic Center OH/IR stars (squgrasd a sample of optically
bright C-stars. From Olofsson (2004).

so if the velocity is constanty o« r—2. However, both the mass loss rate and the
velocity may vary in time.

To measurey(r) we need a ‘probe’ (atom, molecule, dust grains) emittingatazh.
This probe may have a position dependent abundalie depending on the chem-
istry in the gas. Furthermore, the emissivity of the probg mgo vary with radius,
depending on the local temperature and radiative tranffaate. So, typically we mea-
sure only a small part of the circumstellar medium, and thevalkeffects (abundance,
temperature, radiative transfer) are not always easilytiified. Examples of probes
for measuring mass loss are: CO thermal emission, dust glemission, OH maser
emission. We will come back to these later.

A sceptical estimate would be that observed mass loss regesnaertain with~ 1
order of magnitude.

6.4 Theory of pulsation/dust-driven mass|oss

AGB winds are slow and have high mass loss rates, a combirtatiwhas been difficult

to achieve with stellar wind models. The observations ssggeonnection with the

pulsational period (Fig. 24). The only successful modedstaased on pulsating stellar
atmospheres and radiation pressure on dust, see Fig. 2&#&tan impression. We

will now describe this in some more detail.

6.4.1 Stellar Wind Equation

Stellar winds are radial flows in the star’s gravitationaldfjevhich means that they
need to fulfill certain strict criteria. The momentum eqaatior the gas can be written
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Figure 25: Mathematical solutions for the stellar wind ggra The only solution that
represents a stellar wind is the one accelerating througbritical point.

as
dv 1dp GM
Yar T _; dr  r2 +f(r) (45)

(steady flow), where is the velocity,p is the pressurep the mass density, anf{r)
some external force (responsible for driving the mass lo€§mbining Eq. 45 with

44 and using the isothermal sound spegé- p/p (different from the adiabatic sound
speed:? = vp/p), we get

dv v 2¢2  de? GM
72

dr v2-¢

+ f(r)) (46)

Forv = ¢ this equation has a singularity. In Fig. 25 this point is aaded by (1,1).
The lines in that figure represent solutions to Eq. 46. Thetgwl families 1l and 111
are multivalued, and therefore unphysical. Stellar winlditsans need to start at low
velocity, and keep increasing their velocity until theyaleaome equilibrium velocity
(vinfty). Figure 25 show that there is only one solution that doed this is the one
that goes through the point (1,1), @k ¢, the so-called critical point.

Without an external forcg(r) the mass loss is typically weak. This is for example the
case for the Suni{, ~ 10~* M yr~1). However, just applying any radial force
will not necessarily increase the mass loss rate. The rddf@ndence of the external
force is crucial for its effect on the wind.
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First note that for a constant (i.e. isothermal conditions), the position of the critical
pointis

_GM _ f(ro)re

¢ 2¢2 262

so if f(r.) > 0, r. moves inwards. Since the density is typically higher at senal
radii, the effect is thal/ increases.
However, if f(r.) = 0, and f(r.) > 0 for » > r., the mass loss wilhot increase.
Instead the wind will experience an extra acceleration bdyg and achieve a higher
velocity. The conclusion is thus that high mass loss ratasocdy be achieved if the
extra force operates effectively at or below
When the external force is due to continuum radiation it¢gfly has a-—2 component,
just like gravity. It is therefore useful to write

GM GM

(47)

_T—2 + f(?‘) = —(1 — F) 2 (48)
and with this definition Eq.47 becomes
GM(1-T)
re(l') = oz (49)

Analysing the wind equation (Eq. 46) we can distinguisheimegions
1. r < r.: thedp/Or term dominates and the solution is ‘atmosphere-like’.
2. r = r.: apply the external force in this region to boost the mass late

3. r > r.: thedp/Or term becomes unimportant and the solution is ‘wind-like’;
apply external force here to boost the wind velocity.

A hydrostatic, stationary atmosphere has an exponentalrdensity law

T—"To T
p(T)—poeXp{— HOTO} (50)
G o
H = Vil (51)

whereH is the so-called scale height and foxc r. the solution to Eq. 46 is indeed
very close to this solution.

6.4.2 Scale height problem

ForM = 1Mg, 7o = R. = 300Re, T = 2500 K, we get thatH /R, = 0.05, so this
means that the density drops rapidly as we move away fromt#flarssurface. The
effect is that even when the forgepushes the critical poink. inward, the mass loss
is found to be too low. For example, the paramefdrs= 1M, ro = R. = 100Re,
T =2500K, " = 0.5 give M ~ 10716 M yr1.

However, for a pulsating atomosphere, the effective scaight will be substantially
larger. The reason is that the pulsations create sound walvieh travel outward,
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Figure 26: Position of selected mass shells as a functiameffor a dynamical model
atmosphere (Hofner et al. 2003) with the following paraanetTeff = 2800 K, L =
7000 Lo, M =1 Mg, ec/eo, IT = 390 days, and piston velocity amplitude 2 km's
(Time in periods, radius in units of the photospheric radits = 355 Ry of the
hydrostatic initial model.

effectively ‘lifting up’ the atmosphere. In fact the soundwes will often steepen into
shock waves, causing substantial compression, thus singethe density even more.
A simple energetic argument can be used to estimate the tndgrof this effect.

If a shell of mass\/; is accelerated by a shock of velocity, it will acquire a kinetic
energy%Msvg. This will allow it to travel to a radius,,., given by

Mg = —GM M ( L _ i) = (52)

1
2 Tmax To

o\ —1

Tmax_( _(UO) > (53)
To Vesc

ForM = 1My, 79 = R. = 300Rs, We getve,. = 35 km st If we takevy =

15 km s~! (from observations), we get tha,.../ro ~ 1.3, so the shock waves will

lift the atmosphere by a substantial factor. Detailed nicaéhydrodynamic models

give roughly the same number (see Fig. 26).

In fact, the increased time-averaged scale height of suchsating atomosphere (see

Fig. 27) can become so high that this process alone can sehapsoutflow. However,
also this wind has too low a mass loss rate to explain the wiods AGB stars.
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Figure 27: The density versuss influences by shocks in a Mira variable. The density
falls roughly as-—° just above the hydrostatic region and falls roughly-a3 in the
outermost region. The curves are labeled with the velocitplaude (in km s!) of

the pulsations. Notice that the scale of the density for éiggon beyond the static base
is set by the amplitude of the pulsatiahy. From Bowen (1988).

6.4.3 Radiation pressure

The force thought to be responsible for driving the high nhess rate winds from AGB
stars is radiation pressure on dust. For the the procedsfédor can be written as

KrpL*

- 4dreGM

wheres,,, is the mean opacity for radiation pressure. Thisis much higher for dust
particles than for gas particles, making them a particulefficient agent for acceler-
ating the gas.

Let us look at what mass loss we can get from radiation pres&ach photon carries
a momentunhw/c. If it transfers this toone dust particle one can obtain an estimate
for the mass loss rate. The total momentum rate in the phatahs/c, and the total
momentum rate in the wind &/ v.., implying that

M=L,/(cvso) , (55)

an estimate that is known as teigle scattering limit. For L, = 10* Lg, v =
10 km s~1, we get from this limit\/ = 2 x 1075 M, yr—, a very appreciable mass
loss rate for an AGB star. We saw above that the mass losseretipassiliadis &
Wood (1993) was using this limit.

However, the single scattering limit is a very conservaégémate. Note that if one
considers the energy budget instead of the momentum onengrgy rate in the wind

T4 (54)
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IS Lyind = %Mvgo, which is much less than the available energy rate in theguisot
L., since in the single scattering limityina /L. = %voo/c < 1. This suggests that a
higher mass loss should be possible. This can be achievaeinmultiple scatterings.

If we take the wind momentum equation Eq. 45 and integratget dm = 4mr2dr
from the stellar photosphere to infinity, we get

/ 47rr2pv@dr+/ Fd—p—i- GJQW} dm
r R, Lpdr r

1 < GM
—i—/ “am + / G—2(1 —Ty)pdnridr =0 (56)
r. PAT Te r

The first integral is actually the momentum rate in the widd.., since the velocity at

R, will be much less thanm.,. The second integral considers the pressure and gravity
force below the critical point. Since the flow is close to ly&tatic equilibrium in that
region, this term can be taken zero. The third integral do¢sontribute much as the
gas pressure gradientis no longer important beyond tHeatnitoint (in the supersonic
part of the wind). We thus get from Eq. 56

Muvs = 4rGM,(Tq — 1) /00 pdr (57)
but since the optical depth in the wind is defined a;
Tw = /00 Krppdr (58)
we find that C
Moo = L2 (Fd_l)mzﬁm for Iq>>1 (59)
c T'aq c

where we have used Eq. 54.

So for a high optical depth)/ can be substantially higher than the single scattering
value. However, the value fat, cannot be arbitrarily high. We already saw that we
get an absolute maximum due to the available energy. Thésgiv

T < 2¢ (60)

Voo
Taking into account the fact that stellar luminosity is reeld due to its use as wind
accelerator, one in fact find a more strict

c M /105
w < — = 2T ———— 61
T AT T (61)

To find the velocity at infinity we can use the momentum equebieyond-. where the
pressure terms can be neglected

dv 1 dv? _GM

Yar T 2dr T 2

6.4.4 Velocity distribution

(Ta—1) (62)
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Figure 28: A cartoon-like representation of the wind forgniregion around an AGB
star. From Woitke.

Integrating this fromr. until co gives

V() = ofre) + 0k (1- ) (63)
T
2G'M, .
T Ci (Tq—1)= vCSC}:—(Fd —1) (64)

The last expression shows that, is typically of order the escape velocity from the
stellar surface (since > 1 andr. > R.). If we substituteM = 1M, L. = 10* L,
re = 2 x 10 cm, we getv,, = 16 km s~! and atr = 5r. already 90% of this value
has been reached.
6.5 Theroleof dust
For a complete picture of the mass loss process we need twoingredients

e dust formation

e gas-dust coupling

6.5.1 Dust formation

Dust formation is a complicated issue, of which we have omhjtéd understanding.
Observationally it is clear that AGB stars form two diffetéypes of dust grains

Carbon stars amorphous carbon grains

M-type stars ‘dirty’ silicates
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Schematic view of an AGB star
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Figure 29: As Fig. 28, but with detailed labelling of the vars regions and the relevant
physical processes, and showing the differences betweem@®<C-rich stars. From

Hron.
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Although the silicates are more common, we have a betterratadeling of carbon
grain formation (partly due to research carried out for mstrophysical reasons). Car-
bon as an element can easily form long chain-like molecaled,from those chains
rings (so-called Polyaromatic Hydrocarbons, PAHsS) an@étsheay form. These may
then aggregate into amorphous carbon grains.

To handle this complex chemistry in simulations, a statidtdescription was devel-
oped, known asucleationtheory. It starts by considering a distribution functigiV)

of so-called monomers (C atoms in the case of carbon dusBtenfor example f(4)
would be the fraction of carbon aggregates containg 4 C at@wyintroducing terms
for growth (‘sticking’) and diminshment (evaporation, tgpering’) this distribution
function can be evolved in time. Matters are further simplifby using integrated
moments of this distribution, for example the term

Ky = fj F(N)N?/® (65)
N;

is proportional to the total surface area of the grain pajpria

Dynamical models including grain formation (using nudeatheory) show are able
to produce typical AGB winds, suggesting that we largelyemthnd the mass loss
physics in C-stars, at least for the simplified case of a gtespdherical wind.

6.5.2 Dust-gascoupling

The radiation pressure works only on the dust particlesciwbnly form a small frac-
tion of the material. So in order to set up a wind, the motiorihef dust has to be
transferred to the gas particles. This happens via catissid he collective effect of the
gas on the dust is known as the ‘drag’, and can be expressefbaeawhich can be
approximated as

fdrag - Udngndmg|vcoll|vdrag (66)
with Vdrag = |Ug — Vd] (67)
64 U4 2
and Vcoll = vthcrmal\/_ + ( 8 > (68)
I Uthermal

whereoq andm, are the dust cross section and the gas particle massindnq are
the gas and dust number densitiesg; is the collision velocity, an@;y,c,m.1 the typi-
cal thermal velocity of the gas (as obtained from the MaxaBelltzmann distribution).
The drag force tries to minimize the drag velocity.,, but is also proportional to
vdrag. This means that there will be an equilibrium value fQf.,. Usual approxi-
mations assume eitheli.., = 0 (‘perfect coupling’) orvgrag = vg‘}ag (‘momentum
coupling’).

6.5.3 Dust formationin O-rich AGB stars

The dust around M-type stars is Si-based. Si behaves chigmilifferent from C,
it does not form large chains and sheets. Therefore thesepdtiicles cannot grow
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Figure 30: Positions of selected mass shells as a functidimef for a model of a
carbon dust driven wind (Hofner & Dorfi 1997). During eachapulsation cycle

a new dust layer is formed, triggered by enhanced densitindehe shock waves.
Below about 2R, the dustfree atmosphere is periodically passed by stroogksh
(marked by sharp bends in the lines). The formation of dystrlaand their subsequent
acceleration due to radiation pressure (indicated by #epsning of the lines) takes
place between 2 and B.. Time in pulsation periods, radius in units of the stellar
radiusR.. of the corresponding hydrostatic initial model.
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gradually, but rather have to condense out from the gas pihiastine solid phase. This
happens when the partial pressure is larger than the vapssyme:P, > P,, where

P, = nmoteculeksT and Py = Py exp(—Tm/T). Pu andTy; are properties of the
molecule under consideration.

The silicon oxides SiO and Sido not condense out at high temperatures, but other
molecules like TiO, TiQ, AloO3 (corundum) do. Itis therefore thought that these form
the seed nuclei for Si-grain growth. The full grown silicgt@ins are made ‘dirty’ by
both Mg and Fe silicates. The dirtis necessary for thesagtaiabsorb radiation from
the star, as pure silicates would be too glassy and transp&til, detailed modelling

of winds driven by silicate grains show that it is difficult eondense enough dirty
silicates around the critical point, which is where theyrageded in order to produce a
high mass loss wind. We have therefore currently no workingehfor explaining the
mass loss from M-type AGB stars.
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